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Abstract. Observations of magnetic fields in molecular clouds are essential for understanding their role in the evo-
lution of dense clouds and in the star formation process. The predictions of two extreme paradigms for what drives
star formation – magnetic and thermal support with ambipolar diffusion, and compressible turbulence with negligible
magnetic fields – are first discussed in order to formulate three tests of the two models that can be applied using ob-
servations of magnetic field strengths and morphologies. Techniques for measuring magnetic fields in molecular clouds
are described. Three examples of the observational results are discussed here – the low-mass starless core L 183, the
young stellar system and molecular outflow NGC 1333 IRAS4A, and the high-mass star formation region DR 21 (OH).
Finally, these and all other results of observations of magnetic fields in molecular clouds are used to apply the three
tests. The conclusion is that the magnetic support model is consistent with the data, but both turbulence and strong
magnetic fields are important in the physics of molecular clouds and in the star formation process.

1 Introduction

Observations of magnetic fields in molecular clouds have now become a fairly routine procedure,
and many new observational results have been obtained in the last few years. Most progress has
been made in mapping polarized emission from dust, but many new Zeeman observations have also
been made, together with the first detections of linearly polarized spectral lines. In this article I will
both review the observational data and focus on one of the main reasons for observing magnetic
fields in molecular clouds – to try to understand their role in the evolution of dense clouds and
in the star formation process. Understanding star formation is one of the outstanding challenges of
modern astrophysics. However, in spite of significant progress in recent years, there remain unanswered
fundamental questions about the basic physics of star formation. In particular, what drives the star
formation process? The prevailing view has been that self-gravitating clouds are supported against
collapse by magnetic fields, with ambipolar diffusion reducing support in cores and hence driving
star formation (e.g., Mouschovias and Ciolek 1999). The other extreme is that molecular clouds are
intermittent phenomena in an interstellar medium dominated by turbulence, and the problem of cloud
support for long time periods is irrelevant (e.g., Elmegreen 2000). In this paradigm, clouds form and
disperse by the operation of compressible turbulence, with clumps sometimes becoming gravitationally
bound. Turbulence then dissipates rapidly, and the cores collapse to form stars. Hence, there are two
competing models for driving the star formation process. The fundamental issue of what drives star
formation is far from settled, on either observational or theoretical grounds. In this contribution I
focus on discussing how observations of magnetic fields in molecular clouds can distinguish between
and test these models.

2 Model Predictions and Observational Tests

The ambipolar diffusion and turbulence models for driving star formation have different predictions
for magnetic field morphology and strength, which form the basis for tests of the two models using
observations of magnetic fields. The three main tests of the two models based on observations of
magnetic fields involve: (1) the morphology of B, (2) the scaling of |B| with density and internal
velocity dispersion, and (3) the mass to magnetic flux ratio, M/Φ. Of course, it is clear that there are
both magnetic fields and turbulence in real clouds. In order to sharpen the distinctions between the
two models, here we will consider only the extreme cases of turbulence models with negligibly weak
magnetic fields and magnetic support/ambipolar diffusion models without turbulence.
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2.1 Morphology

In the magnetic support model, the dominant B means field lines should be smooth, without irregular
structure. Clouds will be thin disks or oblate spheroids, since thermal pressure provides the only
support along field lines. The field lines should be parallel to the minor axes of clouds. Finally, an
original morphology with parallel magnetic field lines will be transformed into an hourglass morphology
since it is the tension of the bent field lines that provides support. In the turbulent model, B will be
too weak to resist twisting by the dominant turbulence, and field lines will not be smooth but chaotic,
with small-scale irregular structure. No correlation with cloud morphology is expected.

2.2 Scaling

The scaling of |B| with density ρ is usually parameterized as |B| ∝ ρκ, so our discussion will be in
terms of κ. Since the ambipolar diffusion timescale is much shorter in a core than in an envelope, the
core will become supercritical and collapse while the envelope remains subcritical and supported by
the field. Hence, |B| in cloud envelopes remains virtually unchanged, so at lower densities no strong
correlation between |B| and density ρ is predicted, and κ ∼ 0. As ambipolar diffusion increases M/Φ in
a core, ρ increases faster than |B| and κ > 0. After the core becomes supercritical, it will collapse much
more rapidly than the ambipolar diffusion rate; the collapse approaches proceeding with flux freezing,
so κ will increase and approach a limit of 0.5. In turbulent models, in the low-density case before
gravity becomes important no relation is expected between the magnetic field strength and other
parameters such as density; so again, on average, κ ∼ 0. Once gravity becomes important, a rough
equipartition of energies is achieved. If we assume virial equilibrium between gravity and turbulence
(3GM2/5R = 3Mσ2/2), then ρR2 ∝ σ2. Flux freezing (M ∝ Φ) gives ρR ∝ |B|, so |B| ∝ σρ1/2 is
predicted. Hence, although both models predict κ ≈ 0.5 for collapsing cores, if turbulence provides
significant support an additional scaling of |B| with the turbulent velocity dispersion σ is predicted.

2.3 Mass-to-flux ratio

The ratio of the mass in a magnetic flux tube to the magnitude of the magnetic flux is a crucial
parameter for the magnetic support/ambipolar diffusion model. If we assume virial equilibrium be-
tween gravity and the magnetic field, 3GM2/5R = B2R3/3 (for a uniform sphere), then the critical
mass to flux ratio (M/Φ)crit may be found by solving for (M/Φ)crit ≡ M/πR2B = [3π

√
G/5 ]−1.

However, since magnetically supported clouds will be thin disks, the more relevant (M/Φ)crit is that
for a uniform disk, which is (M/Φ)crit = [2π

√
G ]−1 (Nakano and Nakamura 1978); the precise value

of the numerical coefficient is slightly model (geometry) dependant. It is convenient to state M/Φ in
units of the critical value, and to define λ ≡ (M/Φ)actual/(M/Φ)crit. Inferring λ from observations is
possible if the column density N and the magnetic field strength |B| are measured:

λ =
(M/Φ)observed

(M/Φ)crit
=

mNA/|B|A
1/2π

√
G

= 7.6 × 10−21 N(H2)
|B| (1)

where m = 2.8mH allowing for He, A is the cloud area of the observations, N(H2) is in cm−2, and
|B| is in µG. In the ambipolar diffusion model clouds are initially subcritical, λ < 1. Ambipolar
diffusion is fastest in shielded, high-density cores, so cores become supercritical, and rapid collapse
ensues. The envelope continues to be supported by the magnetic field. Hence, the prediction is that
λ must be < 1 in cloud envelopes, while in collapsing cores λ becomes slightly > 1. Hence, this
model tightly constrains λ. On the other hand, the turbulent model imposes no direct constraints
on λ, although strong magnetic fields would resist the formation of gravitationally bound clouds by
compressible turbulence. Also, if magnetic support is to be insufficient to prevent collapse of self-
gravitating clumps that are formed by compressible turbulence, the field must be supercritical, λ > 1.
λ may take any value > 1, although of course for the turbulence model with very weak magnetic fields
that we are considering, clouds will be highly supercritical, λ >> 1.
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3 Observational Techniques

3.1 Zeeman splitting

The Zeeman effect is the standard technique for measuring directly magnetic field strengths in molec-
ular clouds (e.g., Crutcher 1993). If a spectral line forming region is permeated by a field B, the
radiation is split by the normal Zeeman effect into three separate frequencies, νσ− = ν0− νZ, νπ = ν0,
and νσ+ = ν0 + νZ , where ν0 is the line frequency, νZ = |B| × Z, and Z is the Zeeman sensitiv-
ity in Hz/µG. For the 21-cm H I line Z = 1.4 Hz/µG, while for molecules with unpaired electrons
Z ∼ ZH I. Molecules without an unpaired electron have Z << ZH I and (except for the very strong
H2O masers) are not useful for Zeeman measurements. For a magnetic field in the plane of the sky,
the three Zeeman components are linearly polarized with the π component parallel to and the σ
components perpendicular to the magnetic field direction. For a magnetic field along the line of sight,
Iπ = 0 and the Iσ are oppositely circularly polarized. If the magnetic field is parallel (antiparallel)
to the direction of propagation of the radiation, Iσ+ is right (left) circularly polarized. In the general
case of arbitrary angle θ between the line of sight and the magnetic field, the Iσ will be elliptically
polarized. Generally νZ << ∆ν (the line width in frequency units), and it is not possible to infer
complete information about B from Zeeman observations. Although the Stokes parameters V, Q, and
U for the Zeeman components provide in principle full information about magnetic field strength and
direction, in practice full information on B cannot be obtained owing to the extreme weakness of Q
and U (typically about an order of magnitude weaker than V). The Stokes V spectra reveal the sign
(i.e., direction) and magnitude of the line-of-sight component Blos. That is, V = (dI/dν)νZ cos θ. By
fitting the frequency derivative of the Stokes parameter I spectrum dI/dν to the observed V spectrum,
Blos = νZ cos θ/Z may be inferred.

It is possible to correct statistically for the fact that only one component of B is measured, i.e.,
Blos = |B| cos θ. For a large number of clouds whose magnetic fields are randomly oriented with respect
to the observed line of sight,

Blos =
∫ π/2

0

|B| cos θ sin θdθ =
1
2
|B|. (2)

If B is strong, clouds will have a disk morphology with B along the minor axis. To properly measure
λ, one needs B and N along a flux tube, i.e., parallel to the minor axis. As noted by Crutcher (1999),
the path length through a disk will be too long by 1/ cos θ and N (and M) will be overestimated,
while |B| (and Φ) will be underestimated by cos θ. Again statistically,

M/Φ =
∫ π/2

0

Mobs cos θ

Φobs/ cos θ
sin θdθ =

∫ π/2

0

(M/Φ)obs cos2 θ sin θdθ =
1
3
(M/Φ)obs. (3)

The 1/3 correction factor is only appropriate for the strongly magnetized case, where clouds have
a disk-like morphology. We will discuss λC obtained by applying this correction factor of 1/3 to the
directly observed λ, since a disk morphology is the prediction of the ambipolar diffusion model; the
1/3 correction must be applied to test this model.

3.2 Dust polarization

Far-infrared and millimeter wavelength observations of linearly polarized dust emission may be used
to map the morphology of the magnetic field projected onto the plane of the sky, Bpos (Hildebrand
1988). Linear polarization arises from elongated grains with their short axes aligned, generally with
B (Lazarian 2003). The position angle of maximum emission will be perpendicular to Bpos. However,
it is not possible to measure directly the strength of Bpos since fairly weak magnetic fields can align
grains, so the degree of polarization is not a measure of field strength.

In the early days of interstellar polarization studies, Chandrasekhar and Fermi (1953) suggested
that analysis of the small-scale randomness of magnetic field lines could yield estimates of the field
strengths. The method depends on the fact that turbulent motions will lead to irregular magnetic
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fields (since under interstellar conditions fields will be frozen into the matter). There will therefore
be a perturbed or MHD-wave component to the field that should show up as an irregular scatter in
polarization position angles relative to those that would be produced by a regular magnetic field. The
stronger the regular field, the more it resists being irregularized by turbulence. They showed that the
magnitude of the irregularity of field lines could yield the regular field strength in the plane of the
sky:

Bpos = Q
√

4πρ
δV

δφ
≈ 9.3

√
n(H2)

∆V

δφ
µG, (4)

where ρ = mn(H2) is the gas density, δV is the velocity dispersion, δφ is the dispersion in polarization
position angles in degrees, Q is a factor of order unity, n(H2) is the molecular hydrogen density
in molecules cm−3, and ∆V =

√
8ln2 δV is the FWHM line width in km s−1. Here we have used

Q = 0.5, a calibration based on study of simulations of interstellar clouds by Ostriker, Stone, and
Gammie (2001), but see also Heitsch et al. (2001) and Padoan et al. (2001). These simulations found
that this method could yield reliable results in molecular clouds if δφ < 25◦. One should note that while
fluctuations in the field along the line of sight will be smoothed out by the polarization measurements,
the calibration by the simulations referred to above include this in the Q factor. Heitsch et al. (2001)
studied the effects of smoothing due to inadequate spatial resolution in the plane of the sky; although
such smoothing will produce too large an estimate of Bpos, the problem can be overcome so long as the
region being studied, i.e. a molecular cloud or core, is adequately (a few resolution elements) resolved.

The Chandrasekhar-Fermi method of estimating B is a statistical one that may be in error by
∼ 2 for an individual cloud. Also, similarly to Zeeman observations, in general N (and M) will be
overestimated by 1/ cos θ if the sight line has an angle θ to the minor axis, while |B| (and Φ) is
underestimated by sin θ (rather than by cos θ in Zeeman observations). Again statistically,

M/Φ =
∫ π/2

0

Mobs cos θ

Φobs/ sin θ
sin θdθ =

∫ π/2

0

(M/Φ)obs cos θ sin2 θdθ =
1
3
(M/Φ)obs. (5)

So the correction factor is the same 1/3 as for the Zeeman case.

3.3 Spectral-line linear polarization

Linear polarization may also arise in radio-frequency spectral lines formed in the interstellar medium,
even when Zeeman splitting is negligible. This Goldreich-Kylafis effect (Goldreich and Kylafis 1981;
Kylafis 1983) may be used to probe magnetic field morphologies in molecular clouds. The direction
of the polarization can be either parallel or perpendicular to the magnetic field, depending on the
relationship between the line of sight, the direction of the magnetic field, and the direction of a velocity
gradient that produces the anisotropic line optical depth that is required to produce linear polarization.
Although the theory makes specific predictions for whether the field is parallel or perpendicular to
the line polarization, in general the observations do not provide all of the necessary information. This
ambiguity is unfortunate, but if structure in a cloud causes a flip by 90◦ in the polarization direction,
it would easily be recognized and not confused with random magnetic fields. It therefore is a valuable
tool in the measurement of magnetic field direction and in the degree of randomness of the field.
As is the case for dust polarization, the Chandrasekhar-Fermi method may be applied to maps of
spectral-line linear polarization to estimate field strengths.

3.4 Faraday rotation

Faraday rotation produces a rotation of the position angle of linearly polarized radiation; the rotation
measure is given by

RM (radian m−2) =
∫ L

0

Blosnedx. (6)

Because electron densities ne and path lengths L for molecular clouds are small, RMs are generally
dominated by the ionized diffuse interstellar medium, and Faraday rotation has not been thought to
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Fig. 1. Left: Dust polarization map of the starless core L 183. Grey-scale and contours show the dust emission at
850 µm. Thick line segments show the direction of the magnetic field projected on the sky; lengths are proportional to
the polarized flux. Right: OH 1665 and 1667 MHz line profiles toward L 183. Observed data are histogram plots; the
fit to Stokes V in the lower panel is a line. Top panel shows the two Stokes I spectra. Bottom panel shows the mean

Stokes V spectrum for the two lines with a 3 − σ upper limit fit.

be a technique for studying magnetic fields in molecular clouds. However, Wolleben and Reich (this
volume) have argued that depolarization of background synchrotron radiation that is observed at the
boundaries of dark clouds in Taurus is due to a Faraday screen in the envelopes of these clouds. If
confirmed by OH Zeeman observations, this technique would be very valuable in probing magnetic
field strengths in molecular cloud envelopes.

4 Observational Results

It is not possible in the space available to discuss all of the observational results. Important examples of
work that will not be discussed include that of Matthews, Wilson, and Fiege (2001), who investigated
the possibility that helical fields may surround and constrain filaments, and of Houde et al. (2002), who
applied a novel technique involving the difference in ionized and neutral molecular line widths to infer
the angle of B to the line of sight. Here we describe three representative examples of the observational
results: the low-mass starless core L 183, the young stellar system and molecular outflow NGC 1333
IRAS4A, and the high-mass star formation region DR 21 (OH).

4.1 L 183

Figure 1 shows observational results for the starless core L 183; the left panel shows the SCUBA
dust emission and polarization map at 850 µm (Crutcher et al. 2004), while the right panel shows
the NRAO 43-m telescope observation of Stokes I and V spectra of 18-cm OH lines (Crutcher et al.
1993). The dust polarization map has an angular resolution of 21′′ and covers 3′; the observed dust
polarization position angles have been rotated by 90◦ so the line segments are in the direction of Bpos.
The OH spectra were obtained with a telescope beam diameter of 18′.

The dust polarization map samples the core of L 183, with a density of n(H2) ≈ 3× 105 cm3. The
magnetic field is fairly regular, in agreement with the field being strong enough to resist turbulent
twisting. But the dispersion in position angles of 14◦ (corrected for measurement error) is significant,
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Fig. 2. BIMA observations of NGC 1333 IRAS4A. The middle panel shows dust emission (greyscale) and CO 2–1
redshifted (north lobe) and blueshifted (south lobe) emission from the bipolar outflow. Line segments superposed on
the outflow show the polarization of the line emission. The mean Stokes I, U, and Q profiles for the redshifted lobe
are shown in the left panel. The right panel shows the central region with thick contours showing dust emission, thin
contours showing CO outflow, and black line segments showing CO polarization, and grey line segments showing the

dust polarization. Dotted lines show a possible hourglass morphology for B.

implying that some turbulent twisting is present. The angle between the projected minor axis of
the core and Bpos is ∼ 30◦. The magnetic support model calls for the projected field to lie along
the projected minor axis. Applying the Chandrasekhar-Fermi technique yields Bpos ≈ 80 µG and
λC ≈ 0.9 for the dense core. Hence, the mass-to-flux ratio is approximately critical, in agreement
with the magnetic support model. The OH Zeeman spectra sample a much larger area – the extended
envelope of the L 183 core, for which n(H2) ≈ 1 × 103 cm3. The Zeeman effect is not detected to a
3 − σ upper limit of Blos < 16 µG, which implies λC > 0.5 for the envelope. This limit is consistent
with the envelope being subcritical, which is required by the magnetic support/ambipolar diffusion
model.

4.2 NGC 1333 IRAS4A

NGC 1333 IRAS4A is a very young low-mass star formation region with multiple young stellar systems
and an associated molecular outflow. Figure 2 shows BIMA observations (Girart, Crutcher, and Rao
1999) of the dust and CO outflow emission and polarization at 1.3 mm. The line polarization is
perpendicular to the dust polarization. In the outflow, where the direction of the velocity gradient is
known, it is possible to predict theoretically that the line polarization should be parallel to Bpos and
therefore perpendicular to the dust polarization, as observed. The outflow is initially north-south, at
about a 50◦ angle to Bpos. A successful theory of molecular outflows must account for such a difference
between B and the outflow. However, about 25′′ from the center the difference is only 15◦, suggesting
that the field has deflected the outflow. The morphology of the dust polarization is suggestive of a
pinched or hourglass morphology, in agreement with the predictions o f a strong magnetic field.

4.3 DR 21 (OH)

Figure 3 shows results for the high-mass star formation region DR 21 (OH); the left panel shows the
BIMA dust and CO emission and polarization map at 1.3 mm (Lai, Girart, and Crutcher 2003), while
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Fig. 3. Left: BIMA map of the high-mass star formation region DR 21 (OH). Contours show the 1.3-mm dust emission,
grey scale shows the CO 2–1 line emission integrated over velocity, white line segments show the dust polarization, and
black line segments show the CO linear polarization. Right: CN 1–0 line profiles toward DR 21 (OH). Observed data
are histogram plots, fits are lines. Top panel shows the Stokes I spectrum with two Gaussians fitted. Middle panel shows
the mean Stokes V spectrum for the four hyperfine components that have strong Zeeman splitting coefficients Z; the

bottom panel shows the three components with weak Z. Blos was fitted independently for the two Gaussian lines.

the right panel shows IRAM 30-m telescope Stokes I and V spectra of the 3-mm CN lines (Crutcher
et al. 1999). In millimeter-wave dust emission the main component of DR 21 (OH) consists of two
compact cores (Woody et al. 1989) with a total mass of ∼ 100 M�. The two CN velocity components
are each centered on a different one of the two compact cores. The region has associated masers of
OH (Norris et al. 1982), H2O (Genzel and Downes 1977), and CH3OH (Batrla and Menten 1988),
and high-velocity outflows powered by the two compact cores (Lai, Girart, and Crutcher 2003). The
results from the dust and CO 2–1 linear polarization maps suggest that the magnetic field direction
in DR 21 (OH) is parallel to the CO polarization and therefore parallel to the major axis of DR
21 (OH). This could be explained by a toroidal field produced by rotation of the double core. The
strong correlation between the CO and dust polarization suggests that magnetic fields are remarkably
uniform throughout the envelope and the cores. Both the dust emission and the CN lines sample a
density n(H2) ≈ 1× 106 cm3. The Chandrasekhar-Fermi technique yields an estimate of the magnetic
field strength in the plane of the sky of about 1 mG, compared with about 0.5 mG inferred for the
line-of-sight field from the CN Zeeman detection. Combining these results, the total field strength
|B| ≈ 1.1 mG and B is at an angle θ ∼ 60◦ to the line of sight. Then λobs ≈ 1.0. Since we know θ, we
need not make a statistical correction to λobs but may find the correct λC ; the result is λC ≈ 0.5, or
subcritical. However, uncertainties in Bpos and in Blos are sufficiently large that θ is quite uncertain.

5 Test Results

Although we have only discussed results for three molecular clouds, they are good exemplars for the
available data, all of which are considered here in applying the three tests described in §2.

5.1 Morphology

Maps of dust and spectral-line linear polarization and of the Zeeman effect generally show a regular
field morphology (e.g., Figures 1, 2, and 3), and an hourglass morphology is sometimes seen (e.g.,
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Fig. 4. λC are the observed mass to magnetic flux ratios, divided by 3 to correct for projection bias, in units of the
critical values. λC > 1 is supercritical, λC < 1 is subcritical. Dots are for Zeeman data with Blos > 3σ(Blos), stars
are for Chandrasekhar-Fermi estimates of Bpos, and triangles are lower limits plotted at Blos = 3σ(Blos). Although the
statistical correction of 1/3 for geometrical bias has been applied to each point, so that statistically this plot should be
valid, for any individual point the true λ could be higher or lower than the plotted λC . A large part of the scatter in

Figure 4 may therefore be due to geometrical projection effects.

Figure 2; see also Schleuning 1998). A regular field dominating a random field and an hourglass
morphology toward cores are predictions of the strong magnetic field model. However, B projected
onto the sky is not observed to be parallel to the minor axes of starless cores as predicted by magnetic
support (e.g., Figure 1). Finally, even though fairly small, the dispersion in polarization position angles
is often greater than observational errors (e.g., Figure 1), implying that turbulence is producing an
irregular component to B.

5.2 Scaling

At low densities n ∼ 0.1−100 cm−3, it has been clear for some time that there is no correlation of |B|
with ρ (Troland and Heiles 1986). At higher densities one finds |B| ∝ ρκ, κ = 0.47 ± 0.08 (Crutcher
1999). Basu (2000) showed that a better correlation was obtained by fitting |B| vs. σ

√
ρ (see his figure

1). Both the turbulence and magnetic support models predict little or no correlation between |B| and
ρ at low densities, as observed. At higher densities, both paradigms predict κ ≈ 0.5, so this does not
discriminate between the two models. However, |B| ∝ σ is a prediction of some turbulent support of
clouds.

5.3 Mass-to-flux ratio

Figure 4 shows all of the λC available from Zeeman detections and sensitive limits for molecular clouds
(Crutcher 1999; Bourke et al. 2001; Troland and Crutcher 2004), plus the Chandrasekhar-Fermi results
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for three prestellar cores (Crutcher et al. 2004). The observations are distributed roughly equally above
and below the λC = 1 line that divides subcritical and supercritical M/Φ ratios for disk geometries.
Therefore, the data suggest that λ ≈ 1; that is, the typical mass to magnetic flux ratio is approximately
critical. There is a slight indication that for large column densities, λ may be supercritical, and for
small column densities, subcritical.

It is also relevant to consider mass-to-flux ratios in H I clouds, from which molecular clouds presum-
ably form. Heiles and Troland (2004) have carried out an extensive study with the Arecibo telescope
of Galactic H I clouds (for which n(H I) ∼ 50 cm−3) in absorption against background extragalactic
continuum sources (see also Troland, this volume). Their plot of Blos vs. N(H I) showed that for
all of the detections, the field was significantly subcritical. Moreover, almost all of the non-detections
were also consistent with λ < 1. If these points were to be plotted on Figure 4, they would lie to the
left of and below the λC = 1 line (see Troland, this volume). Hence, the H I data suggest that the
precursors to molecular clouds are subcritical, as required by the magnetic support model.

In the ambipolar diffusion model the envelopes of dark clouds are the regions where λ remains
essentially unchanged while ambipolar diffusion drives M/Φ supercritical in the core. Hence, envelopes
of dark clouds provide a crucial test of magnetic support models – M/Φ must be subcritical in these
regions. Dark-cloud envelopes were observed by Crutcher (1993); the result was λ ≈ 1−2, rather than
the λ < 1 required by magnetic support. However, the observations had poor angular resolution (18′)
with no mapping; these and other effects may have biased the results to larger λ. The Faraday screen
(Wolleben and Reich, this volume) estimates of Blos ≈ 20 µG in the envelopes of Taurus dark clouds
would certainly imply subcritical mass-to-flux ratios, as required by the magnetic support model.

6 Conclusions

The generally regular morphology of polarization maps supports a strong magnetic field model. Yet
the small-scale scatter in polarization position angles predicted by turbulence is seen, although this
scatter is generally relatively small. As projected onto the sky, B is not parallel to the minor axes
of cores, as predicted by the magnetic support model. A triaxial cloud morphology, due perhaps to
formation by compressible turbulence, can account for this (Basu 2000). The observation that |B| ∝ σ
is a prediction of a turbulent component of the support of clouds. The observations of molecular cloud
cores are consistent with λ ≈ 1. This is certainly inconsistent with the extreme turbulent model with
negligible B, for which λ >> 1. Although λ ≈ 1 is predicted to occur in cores as a result of ambipolar
diffusion when the original mass-to-flux ratio was subcritical, the observational evidence for subcritical
clouds and especially for subcritical envelopes is weak. Whether λ is slightly greater than or slightly
less than 1 is crucial for whether magnetic fields provide support that is removed by the action of
ambipolar diffusion. The present data are not sufficiently accurate to discriminate between these cases
since λ in molecular clouds is observed to be (frustratingly) close to 1.

It seems that the data remain inconclusive in deciding between the two extreme models for what
drives star formation. However, the fact that the regular component of B seems to dominate the
irregular component and that mass-to-flux ratios are approximately critical (λ ≈ 1) rather than the
highly supercritical (λ >> 1) values predicted by weak field models provides strong support for
the strong magnetic field model. A hybrid paradigm may be closest to the truth. In such a paradigm,
compressible turbulence dominates in the diffuse ISM over both gravity and magnetic fields, sometimes
forming self-gravitating clouds. The residual effects of this turbulence are seen in self-gravitating
molecular clouds, but such clouds appear to be primarily magnetically supported. In any case, it is
clear that both turbulence and strong magnetic fields are important in the physics of molecular clouds.

As is often the case in astronomy, further observations are needed. Tests of the role of magnetic
fields are of necessity statistical in nature and must involve data covering a wide range of physical
parameters. Required are additional high sensitivity surveys of magnetic field strengths and other
cloud properties in order to assess the relative importance of magnetic fields in molecular cores and
envelopes. These surveys should include extended polarization maps that allow a determination of how
the field in the cores connects with that in its surroundings. But the single most crucial observation
that is needed is the measurement of magnetic field strengths in a statistically significant sample of
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molecular cloud envelopes. If envelopes are subcritical, with a large sample at least some of the fields
must be nearly along the line of sight, and Zeeman observations will detect unambiguous subcritical
mass-to-flux ratios. Clear evidence for an increase in the mass-to-flux ratio from envelope to core
would then verify the ambipolar diffusion model. Alternatively, if future observations show that this
is not found, turbulence driven star formation (although with dynamically important magnetic fields)
would be favored. As has been the case in the last few years, future telescopes and instruments will
enable ever more sensitive and extensive observations that hopefully will define more precisely the
role of magnetic fields in the star formation process.
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Abstract. In this paper we systematically investigate the length and time scales of an interstellar molecular cloud for
collapse under the influence of self-gravity and magnetic field forces. We used Magnetohydrodynamic (MHD) equations
in linearized form in order to explore the dynamical evolution of perturbations. We found that the Lorentz force supports
the cloud against self-contraction, i.e., the Lorentz force introduces stabilizing effect against gravitational instability.
Of the two cloud types with the same physical size, only those threaded by an interstellar magnetic field will survive
against gravitational collapse.

1 Introduction

Giant Molecular Clouds (GMCs) in the Milky way and in other galaxies are believed to be the birth
places of stars. A widely accepted view is that portions of molecular clouds go through gravitational
collapse and initiate star formation. But, there is yet to be found actual kinematic evidence of collapse.
It is essential to test the theoretical pictures with observational data. Some of the models, such as the
”inside-out collapse model” (Shu, 1977; Shu et al., 1987), make testable predictions about the density
and velocity fields. Testing these predictions in simple clouds like small globules is a prerequisite for
comprehending star formation in more massive clouds.

Early optical studies based on star count techniques showed that many small globules have central
density structures (Bok & McCarthy, 1977; Tomita et al., 1978). These findings supported an early
suggestion that gravitational collapse is going on in these globules (Bok & Reilly, 1947). Martin &
Barrett (1978) suggested that molecular line studies indicate that some globules were unstable against
gravitational collapse. Far infrared observations of B335 revealed direct evidence of star formation in
this widely studied globule (Keene et al., 1983). The IRAS data base has provided more evidence for
star formation in globules (Clemens et al., 1990; Yun & Clemens, 1990).

Typical masses of molecular clouds are in the range 103–104 M�: If these were free falling, their
lifetimes would have been unrealistically short, and the implied star formation rate would be much
higher than observed (Zuckerman & Palmer, 1974; Mouschovias, 1976). There must be some force
or forces supporting these clouds against their self-gravity. Thermal pressure forces alone cannot
support these clouds against their self-gravity, for Bonnor–Ebert (� Jeans) critical mass is typically
less than 10 M� at the observed low temperatures (see Crutcher et al. 1994). Supersonic turbulence
may be regarded as another mechanism supporting larger masses. And it is certainly true. However,
supersonic turbulence dissipates on such a short time scale compared to cloud lifetimes to be of
significance (Crutcher, 1994). Magnetic fields, no matter how weak, have been shown to give support
against gravity in dense, massive clouds (Mouschovias, 1976; Mouschovias & Spitzer, 1976; Spitzer,
1978; Mouschovias, 1987).

2 Self-Initiated Star Formation

We systematically present, with progressively more realistic physical inputs, the length and time scales
of collapse in self-gravitating, isothermal, magnetically supported molecular clouds in its initial state.
In subsection 2.1 we review the well-known cloud collapse by self-gravity alone. For homogeneous
gas, an analysis due to J. H. Jeans can be found in Scheffler & Elsässer (1987). In subsection 2.2.

133



134 D. Zengin et al.

we investigate the more general problem of cloud collapse under the influence of self-gravity and the
magnetic field. Summary and Conclusions are presented in Section 3.

2.1 Cloud Collapse by Self-Gravity

The dynamical evolution of the cloud is investigated by hydrodynamic equations (see, e.g. Scheffler &
Elsässer, 1978). When linearized and assumed that the space and time variation of Fourier components
of the perturbed quantities is of the form exp [i (ω t - k x)] for a one-dimensional case, the linearized
hydrodynamic equations (1)–(4)

∂ρ

∂t
+ ∇ · (ρ v) = 0 (1)

ρ
D v

Dt
≡ ρ

∂v

∂t
+ ρ (v · ∇) v = −∇P − ρ∇Φ (2)

∇2Φ = 4πρ.G (3)

P = c2
sρ (4)

yield the dispersion relation

ω2 = k2c2
s − 4πρ0G , (5)

where the symbols have their usual meanings. If there is to be self-gravity, then the perturbed mass
density ρ1 should grow in time. A necessary condition for this is ω2 < 0 which is equivalent to
k2 < 4πρ0G/c2

s . The threshold wave number kg of the perturbation is defined as 4πρ0G/c2
s = k2

g

(Scheffler & Elsässer, 1978). Thus the Jeans criterion for instability becomes

Lg > LJ =

√
πc2

s

4ρ0G
=

√
πkBT

4ρ0Gµ̄mH
=

7.822
µ̄

√
T

NH
pc , (6)

where LJ is often called the Jeans length, kB is the Boltzmann constant, T is the temperature, NH

is the number density of H atoms, mH is the proton mass, and µ̄ is the mean molecular weight.

2.2 Magnetized Cloud Collapse by Self-Gravity

Magnetic fields are shown to play a decisive dynamical role in regions of star formation (see McKee et
al. (1993) for theoretical arguments and Heiles et al. (1993) for observational data). Magnetic fields
support the clouds against gravitational contraction in two ways. One is the pressure of static magnetic
field perpendicular to the field lines (Mouschovias & Spitzer, 1976). The other magnetic support
mechanism involves fluctuating fields associated with MHD waves at sub-Alfvénic yet supersonic
speeds. MHD waves may persist longer than purely hydrodynamic turbulence and support the cloud
in both parallel and perpendicular (to magnetic field) directions (Crutcher, 1994). In this subsection
we take the hitherto neglected Lorentz force into account and find the ”modified” Jeans length. The
linearized form of the equation of motion is:

∂v1

∂t
= − 1

ρ0
∇P1 −∇Φ1 − 1

8πρ0
∇B2 +

1
4πρ0

(B · ∇)B , (7)

We assume that the magnetic field is ”frozen” into the gas. Only a critical ionization level can justify
this assumption. With the assumption of the frozen-in condition, the magnetic induction equation can
be written as

∂B

∂t
= ∇× (v × B) , (8)
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the linearized form of which is:

∂B1

∂t
= B0 · ∇v1 − B0 (∇ · v1) . (9)

Linearized forms of equations (1), (3), (4), (7) and (9) form a closed set of equations. We may
combine equations (1) and (9) to get the new form of the induction equation:

∂B1

∂t
= B0 · ∇v1 +

B0

ρ0

∂ρ1

∂t
. (10)

We assume that B · ∇B = 0. This implies that, due to the absence of the mirror force, particles
cannot accelerate in space along magnetic field lines. This fact in turn implies that B0 · ∇v1 = 0.
Elimination of this term from equation (7) brings the induction equation into a new form:

∂B1

∂t
=

B0

ρ0

∂ρ1

∂t
. (11)

Now, the dispersion relation we obtain is:

ω2 =
(

c2
s +

B2
0

4πρ0

)
k2 − 4πρ0G . (12)

Equation (12) gives us the Jeans length Lg+B, where subscripts denote the presence of both the
gravitational potential and the magnetic field:

Lg+B >

√
π (c2

s + v2
A)

4ρ0G
pc , (13)

where vA = B0/(4πρ0)1/2 is the Alfvén speed.
If we compare equations (6) and (13) we see that Lg+B > Lg. This comparison clearly shows

that magnetized clouds are supported by magnetic field against collapse by self-gravity. Indeed, any
initiation of self-contraction is resisted by magnetic pressure. In other words, of two interstellar clouds
with exactly the same physical parameters, the one threaded by a uniform magnetic field requires
greater dimensions (L) in order to collapse.

3 Summary and Conclusions

Molecular clouds with masses ∼ 103–104 M� cannot go through free fall, otherwise the star-formation
rate would be higher than observed. Forces resisting the initiation of self-contraction may be listed as
thermal pressure forces which balance gravity along field lines, while magnetic and thermal pressure
forces do so perpendicular to the field lines.

We reviewed the case in subsection 2.1. wherein self-gravity and thermal pressure forces determine
the dynamical evolution of a cloud. Inclusion of Lorentz forces clearly showed that the magnetic
pressure forces support the cloud against self-contraction. This fact manifested itself through the
Jeans length. Comparison of marginal stability length scales showed that of two identical clouds the
one threaded by a uniform magnetic field requires greater dimensions to collapse.
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Abstract. The diamagnetic effect in protostellar accretion disks modifies slightly the magnetorotational instability
which exists in the presence of Hall electromotive force. We have shown that inclusion of magnetization into the
governing MHD equations does not change the unstable character of the disk but causes the wavelength range of the
unstable mode to expand towards the shorter values.

1 Introduction

Before the 1990s, it was already realized that molecular viscosity was not enough to provide enhanced
outward angular momentum transport in accretion disks. Shakura & Sunyaev (1973) conjectured that
the Maxwell stress could ensue the onset of turbulence in accretion disks.

Balbus & Hawley (1991) showed that a weak magnetic field with a good frozen-in condition desta-
bilizes an accretion disk with a Keplerian velocity profile. Under these conditions, the outcome is
determined by the competition between the stabilizing Coriolis force and destabilizing magnetic ten-
sion force.

If the disk’s magnetic field is weak, i.e. subthermal, then perturbations cause the growth of an
unstable mode. The so-called slow mode is locally unstable, non-propagating (evanescent), independent
of the magnetic topology of the disk and grows extremely rapidly. The intensity of the magnetic field
is amplified 3–4 orders of magnitude in such a short time as a few orbital periods. Of many other
proposed instabilities none can supply such a rapid growth. This is what happens in the linear regime.

Later, Balbus & Hawley (1992a, 1992b), Balbus et al. (1996), Hawley & Balbus (1991, 1992),
Hawley et al. (1994), and Stone et al. (1996) studied the the evolution of the MRI in the non-linear
regime. Computer simulations showed that the instability grows into a turbulence and a disk dynamo
sets in, i.e., where magnetic field amplification is sustained in the presence of dissipation mainly
by reconnection. From then on, Maxwell stresses which are 3–4 times higher than the Reynolds
stresses provide the necessary anomalous viscosity which would trigger the enhanced outward angular
momentum transport; this, in turn, causes accretion to take place.

This physically well-established instability is claimed to be so general that it has been shown to
be applicable to all kind of Keplerian disks, be it as it may in CVs, YSOs or AGNs.

Later Balbus & Terquem (2001) investigated the MRI in the presence of the Hall effect in proto-
stellar disks. Inclusion of the Hall e.m.f. into the calculations introduces a new feature, i.e., whatever
the velocity profile, accretion disks are always unstable in the presence of a weak magnetic field.

But, especially in protostellar disks which are cool and dense, the frozen-in condition, in full radial
extent of the disk, becomes questionable. Only the electrons in the hotter inner region may fulfil this
condition.

However, Balbus & Terquem (2001) pointed out that electron–ion inductive coupling and ion–
neutral collisional coupling together ensure the involvement of the bulk of the fluid. But this is still a
delicate theoretical challenge which requires further investigation in YSOs and DNs.

Our analysis is partly, not wholly, the extension of Balbus & Terquem (2001) wherein the linear
stability of a protostellar disk in the presence of a vertical magnetic field is analyzed and the importance
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of the new feature, that is Hall e.m.f., is emphasized. In this study we extend Balbus & Terquem (2001).
In protostellar disks, as we have already mentioned, the magnetic field is assumed to be frozen-in
electron fluid only. This implies that there is no difference between the bulk velocity of electrons and
the velocity of magnetic field lines. However, electrons gyrate around the field lines. The gyrating
electrons generate an additional magnetic field (counterfield). This field opposes the external field
threading the disk. The diamagnetic effect may be local as well as global in the disk. Local or global,
diamagnetic currents are border-line cases. That is there appears a region, the width of which is of the
order of an electron Larmor radius, within which the magnetic field intensity is weaker than outside.
Thus our analysis has considered the hitherto neglected magnetization effect.

The diamagnetic effect or magnetization is defined as the magnetic moment, µ = mv2
⊥, per unit

volume. As is apparent from the definition of the magnetic moment, the diamagnetic effect is propor-
tional to B−1. A weaker magnetic field, a prerequisite for the onset of the MRI, is made weaker by
the diamagnetic effect. In this process, the effective value of the magnetic field and the energy density
of the plasma are related, not independent quantities.

2 MRI in the presence of diamagnetism

As we have already pointed out above that the present investigation is the extension of Balbus &
Terquem (2001), the interested reader should refer to the quoted reference for details. For the sake of
completeness we reproduce the governing MHD equations and the equation for diamagnetism:

∂ρ

∂t
+ ∇ · (ρv) = 0 (1)

ρ
∂v
∂t

+ (ρv · ∇)v = −∇
(

P +
B2

8π

)
− ρ∇Φ +

(
B
4π

· ∇
)

B (2)

∂B
∂t

= ∇×
(
v × B− η∇× B− c (∇× B) × B

4πene

)
(3)

Jmag = c∇× M (4)

If H were the magnetic field value in the absence of any magnetization effects, then the actual
macroscopic field B in the region is given by Bodo et al. (1992):

B = H + 4πM = H− 4π

3
Wk

B
B2

H − 1
6

Wk

WB
B = H− εB (5)

where WB = B2/8 and Wk = nmv2/2 are the magnetic field and particle kinetic energy densities,
respectively, and ε = Wk/6WB. Equation (5) has a simple acceptable solution,

B =
H

2

(
1 +

√
1 − 2

3
Wk/ (H2/8π)

)
(6)

We consider the local stability of a differentially rotating disk threaded by a weak vertical field. We
assume that finite resistivity and Hall currents are both present. We restrict ourselves to plane wave
disturbances of the form exp(ω, t); this form keeps the coefficients of the dispersion relation real. We
work in the Boussinesq limit and use standard cylindrical coordinates (R, φ, z) with the origin at
the disk center. Under these circumstances pressure, density, vertical velocity and vertical magnetic
field perturbations all vanish. We solve the linearized equations for δvR, δvφ, δBR, δBφ, δHR and δHφ,
which yield the dispersion relation in terms of dimensionless quantities:

s4 +
[
κ̄2 + 2X(1 − ε)2 +

[
d ln Ω2

d ln R
+ Y (1 − ε)

]
Y

4
(1 − ε)

]
s2
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+
[
κ̄2 Y

4
(1 − ε) + X(1 − ε)2

] [
d ln Ω2

d ln R
+ Y (1 − ε) + X(1 − ε)2

]
= 0 (7)

where s = ω/Ω; X = (kvA/Ω)2; Y = (kvH/Ω)2. It is easily verifiable that at the maximum growth
rate sm– Oort A value, the partial differentiation of Eq. (7) with respect to X and Y gives the coupled
equations:

s2
m + X(1 − ε)2 +

1
2

d ln Ω2

d ln R
+

Y

8
(1 − ε)(κ̄2 + 4) = 0 (8)

1
4

d ln Ω2

d ln R
(s2

m + κ̄2) +
X

4
(1 − ε)2(κ̄2 + 4) +

Y

2
(1 − ε)(s2

m + κ̄2) = 0 (9)

We would like to draw the reader’s attention to Eq. (7). When, may we call it the magnetization
parameter, vanishes, the Balbus & Terquem (2001) result is recovered, as it should be. The graphical
solution of this equation is given in Figures 1.

3 Conclusion

If the inner and hotter regions of protostellar disks are regions where frozen-in conditions prevail, at
least for electrons, then it is shown that the diamagnetic effect modifies the wavelength range of the
unstable mode. Instability keeps its presence but now, as conjectured by Balbus & Hawley (1991),
due to the weakend magnetic field, the unstable mode appears at shorter wavelengths. As to whether
it develops into a turbulence is yet to be seen by simulations.
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Fig. 1. Growth rate in the X, Y plane for η = 0 Keplerian disk. Only regions of instability are shown, with the height
proportional to the growth rate. The vertical axis has been suppressed, but the maximum growth rate of the ridge is
0.75Ω. For weak magnetization, i.e. ε = 0.1; for strong magnetization, i.e. ε = 0.5. When compared with the Balbus
& Terquem (2001) result, one can easily see that the ridge is shifted towards higher X and Y values which in essence

measure the wave numbers of the unstable mode.



”The Magnetized Interstellar Medium”

8–12 September 2003, Antalya, Turkey

Eds.: B. Uyanıker, W. Reich & R. Wielebinski

Magnetic Fields in Supernova Remnants∗

Ernst Fürst and Wolfgang Reich

Max-Planck-Institut für Radioastronomie, Auf dem Hügel 69, 53121 Bonn, Germany

Abstract. Observations of the polarized radio emission from supernova remnants are reviewed. Some characteristics
of the deduced intrinsic magnetic fields are listed and used to determine the role of the magnetic field for the dynamics
of these objects. The relation between the magnetic fields of SNRs and the Galactic magnetic field local to the SNRs
is considered. Typical properties of the magnetic field of the various SNR classes are discussed. Recent results of OH
Zeeman splitting observations indicate milli-Gauss magnetic fields in filamentary structures.

1 Introduction

Shortly after the proposal of synchrotron emission to be the source of the radio radiation from the
Milky way by Kiepenheuer (1950) the continuous light from the Crab nebula was explained as due to
synchrotron radiation by Shklovsky (1953). The optical linear polarization was discovered by Dom-
brovsky (1954) and confirmed by Oort & Walraven (1956). Mayer, McCullough & Sloanaker (1957)
detected linear polarization (magnetic fields) from the Crab nebula at radio waves. This early work
marks the beginning of a great career of magnetic fields in supernova remnants (SNRs).

According to Woltjer (1962) the dynamical evolution of SNRs can be divided into several phases:
the ejected mass dominates the swept-up mass (free expansion, Rs ∝ t, where Rs is the distance of
the shock from the explosion centre). In the next phase the swept-up mass is much larger than the
ejected mass but the shock is still strong (Sedov or adiabatic phase, compression ratio 4, Rs ∝ t2/5).
Later radiation losses are no longer negligible and the expansion is controlled by the internal pressure
of the SNR (Rs ∝ t2/7). When the internal pressure is low, the expansion is controlled by the
momentum of the SNR (Rs ∝ t1/4). Final is the phase of dissipation. This simple picture is modified
in case the supernova explodes into a large hot wind bubble, which has been created by the progenitor
star and/or if the supernova shock-wave interacts with molecular clouds. This contribution discusses
the properties of magnetic fields in SNRs and their relation to the interstellar medium. Measurements
of magnetic field distributions across SNRs are important to derive parameters of the dynamics of the
shock, information on the post-shock gas, and the interacting molecular clouds.

2 Observations of magnetic fields

The radio flux density of the synchrotron emission from a SNR is proportional to B
γ+1
2

⊥ ν
−(γ−1)

2 , where
γ defines the energy distribution E−γ of the relativistic electrons. The synchrotron radiation is linearly
polarized and the plane of the electric field vector is rotated during the propagation insides the SNR
and the interstellar medium. This rotation is due to different refractive indices of the two circular
components of a linearly polarized wave and is called Faraday rotation. The angle ψ of rotation is
given by

Ψ(rad) = RM(rad/m2) λ(m)2, RM = 8.1 105

∫
N(cm−3) B‖(G) dz(pc) (1)

∗Based on observations with the Effelsberg 100-m telescope operated by the Max-Planck-Institut für Radioastronomie
(MPIfR), Bonn, Germany
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where RM is called the rotation measure, N is the thermal electron density and B‖ the magnetic field
component along the line of sight. The effect of Faraday rotation can be inferred from radio maps
observed at different frequencies. An example is shown in Fig. 1.

Fig. 1. The SNR HB9 at 2.7 GHz and 1.4 GHz observed with the Effelsberg 100-m telescope. Both maps have 9.′3
angular resolution. The bars denote the linear polarization (B-field). The length of the bars is proportional to the

polarized intensity. Note that the vector difference at any given point in the two maps is due to Faraday rotation.

The variations of the electric field vectors in both maps can easily be verified. In principle, using
the above equations, the intrinsic polarization angle can be calculated from Ψ = Ψ0 + RM · λ2.
Because of the ambiguity of a multiple of 180◦ concerning the measured value of Ψ should be read:

Ψ = Ψ0 + RM · λ2 + n · π (2)

with n = ± 1, ± 2, ...
This ambiguity translates into a RM ambiguity:

RM =
Ψ1 − Ψ2

λ2
1 − λ2

2

+
∆n · π

λ2
1 − λ2

2

(3)

In general observations at three or more wavelengths are necessary to solve for the ambigu-
ity. For the radio bands at 21 cm, 11 cm and 6 cm the corresponding ambiguities (∆n = 1) are
∆RM = 96 rad/m2 (21 cm/11 cm), ∆RM = 374 rad/m2 (11 cm/6 cm), and ∆RM = 76 rad/m2

(21 cm/6 cm). For the combination 11 cm/6 cm the ambiguity of RM is larger than typically observed
rotation measures and in many cases the assumption of minimum rotation measure (∆n = 0) is rea-
sonable for short-wavelength observations. If 21 cm wavelength is involved this assumption is often
not valid. In Fig. 2 the intrinsic magnetic field distribution is shown based on a RM determination
from observations at three frequencies.

Several attempts have been made to measure RMs using multi-channel polarimeters. At the Effels-
berg 100-m telescope an eight-channel polarimeter for 21 cm wavelength has been recently installed.
Each channel has a bandwidth of 4 MHz, the centre frequencies vary between 1388 and 1416 MHz.
The ambiguity between adjacent channels is ∆RM > 10000 rad/m2, far beyond detected Galactic
values. First results are discussed by Uyanıker (this volume).
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Fig. 2. The SNR HB9 at 2.7 GHz. The bars denote the magnetic field direction derived from observations at 1.4 GHz,
2.7 GHz and 4.8 GHz.

The observed fraction of polarization p is typically less, often much less, than the maximum possible
value of about 70% to 75%. This is caused by depolarization, which may result if variations of the
magnetic field occur on very small scales, i.e. within the antenna beam. Depolarization is also caused
if Faraday rotation occurs along the line of sight, either internal or external to the radiating source
(see Burn 1966, Sokolov et al. 1998).

3 Results

SNRs can be classified into three different groups. Young shell-type remnants (i.e. Tycho, SN1006,
Kepler), evolved shells (i.e. G127.5−0.1, CTB1) and filled-centre SNRs (i.e. Crab, 3C58).

3.1 Young shells

The magnetic field in young supernova shells, which are often the remants of historical supernovae, is
predominantly radially oriented. As an example Tycho is shown in Fig. 3. At higher angular resolution
more details become visible on 1′ to 2′ scale (see observations of Tycho by Dickel 1990). The mean p
for historical shell-type SNRs is between 4% and 15%, indicating a large fraction of random magnetic
field. The most likely explanation of the radial magnetic field is based on Rayleigh-Taylor instabilities
within the layer between the shock and the ejecta. The radial velocity component of these instabilities
causes a stretching of the magnetic field.
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Fig. 3. Tycho’s SNR and CTB1 at 10.55 GHz as observed with the Effelsberg 100-m telescope. Total intensity and
polarization vectors in B-field direction are shown.

3.2 Evolved shells

Evolved shells show magnetic fields which are largely tangential to the shock front (see CTB1, Fig. 3).
According to van der Laan (1962) the compression of the frozen-in interstellar magnetic field plays
an important role. This leads to some alignment with the Galactic magnetic field local to the SNR.
This alignment has been studied for a small sample of so-called bilateral symmetric SNRs (Fig. 4) by
Fürst & Reich (1990), who find a good correlation between the geometrical axis of the SNRs and the
magnetic field direction obtained from linear polarization measurements of stars (Mathewson & Ford
1971). A more extensive study has been made by Gaensler (1998), who investigated the correlation
with the Galactic plane for 17 bilateral SNRs. For the majority of bilateral SNRs the angle between
the symmetry axis of the SNRs and the Galactic plane is small, but a few deviations exist up to almost
90◦. To establish the interpretation of the bilateral symmetry as a tracer of the ambient magnetic field
more detailed data on magnetic fields local to the SNRs would be helpful.

Fig. 4. Comparison of the symmetry axis of bilateral SNRs with the magnetic field direction local to the SNR (see
Fürst & Reich (1990) for details). Such observations can be used to trace the Galactic magnetic field directions in distant

spiral arms.
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3.3 Filled-centre SNR

Several filled-centre SNRs have been observed with the Effelsberg 100-m telescope at 32 GHz with
an angular resolution of 26′′ (Reich 2002). At this angular resolution the magnetic field structure
varies between radial (G21.5−0.9) and very patchy (3C58). Observations of the Crab nebula at higher
angular resolution (Bietenholz & Kronberg 1990) show small-scale coherent magnetic structures of
10′′ size. At least in some outer regions the magnetic field runs radial, perhaps caused by an outflow
of charged particles from the central pulsar. The maximum polarization (at a beam of 1.′′8) is about
65% indicating a well-ordered magnetic field on small scales.

4 The magnetic field strength

4.1 Minimum energy – Equipartition

Generally, the magnetic field strength is determined assuming the total energy of electrons, protons
and the magnetic field to be minimum. Assuming a flux density spectral index of α = −0.5 (Sν ∝ να)
the minimum magnetic field is given by

Bmin ≈ 10 · Φ−2/7 · R (deg)−6/7 · d (kpc)−2/7 · S1GHz (Jy)2/7 (4)

where Φ the relative radiating volume of the source, R ist the radius, d the distance, and S the
flux density at 1 GHz (based on Pacholczyk 1970). For Tycho we obtain a magnetic field of about
0.2 mG, for G127.1+0.5 about 12 µG, which is in agreement with the adiabatically shock compressed
interstellar magnetic field (van der Laan 1962).

4.2 The OH-line

With the rediscovery of the ground-state satellite line of the hydroxyl molecule (OH) at 1720.53 MHz
as a tracer for SNR–molecular cloud interaction by Frail et al. (1994) measurements of the Zeeman
splitting of this line has become an appropriate tool to measure the magnetic field in the SNR post-
shock gas. About 20 SNRs are known to have associated OH-masers. For 10 SNRs the magnetic field
has been derived (Sgr A East, W44, W28, G32.8−0.1, G346.6−0.2, W51C, G349.7+0.2, CTB37A,
CTB33, and G357.7−0.1). The magnetic field parallel to the line of sight following from these ob-
servations lies in the range between a few tenths and a few milli-Gauss. In case of the SNR W44 a
post-shock magnetic field of 0.28 mG was detected by Claussen et al. (1997). This small-scale mag-
netic field corresponds to a magnetic pressure of B2/8π ≈ 3 · 10−9 dyne cm−2. This value has to
be compared with the ram pressure of ρv2 ≈ 2 · 10−7 dyne cm−2 derived from infrared observations
of OI (Reach & Rho 1996) and the thermal pressure inside the remnant of 6 − 8 · 10−10 dyne cm−2

(from X-ray, Rho et al. 1996). The magnetic field begins to play a considerable role on both local
dynamics and structure of the shock. In case of W51C (Brogan et al. 2000) the magnetic pressure in
the post-shock gas is even a factor of 100 larger.

4.3 Is the magnetic field dynamically important?

The magnetic field is unlikely to be dynamically important at least during the early phases. This can
be demonstrated using the ratio RH between the magnetic and the dynamic pressure. RH = B2

4π / 1
2ρ1v

2
s

where ρ1 is the upstream gas density and vs is the shock velocity. For an interstellar magnetic field
of 3 µG, an interstellar number density of 0.1 cm−3 and a shock velocity of 300 km s−1 the ratio RH

becomes about 0.01. Therefore, the magnetic field B plays a passive role. During the radiation phase
the compression in the post-shock region (filaments) may be of order 100 larger giving a magnetic
field strength of 1 mG. In that case the post-shock gas is controlled by the magnetic field.

During the interaction of the supernova shock wave with ambient molecular clouds heat conduction
plays a significant role: The cloud may be heated up and evaporated increasing the density interior
to the SNR. The evaporation rate depends on the temperature gradient: dQ

dt = K grad T, where Q is
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the heat quantity and K the heat conduction coefficient. The ratio Kth for a thermal plasma with no
magnetic field and Kgp for a plasma with magnetic field (gyrotropic) is:

Kth/Kgp ≈ 1010 T (K)3 B(G)2 n(cm−3)−2

(Spitzer 1962). Assuming a magnetic field B of 1 mG, a molecular cloud number density n of
1000 cm−3, and a post-shock temperature T of 10000 K, the ratio is about 1010. The magnetic
field in the molecular cloud reduces the heat conduction significantly, the evaporation is much slower
and the cloud may be further compressed to possibly form a new star.

5 Concluding remarks

Magnetic fields in SNRs provide information on the interaction of the supernova ejecta with the
interstellar medium. Although in most cases dynamically unimportant, the magnetic field may control
the expansion in filamentary structures, where the magnetic fields reach local values of up to a few
milli-Gauss. The intrinsic magnetic field of SNRs shows typical characteristics depending on the type
of SNRs. Young shells have typically radially directed magnetic field lines, while evolved shells show
tangential fields caused by the interaction with the ambient gas. Future work on magnetic fields of
SNRs may benefit from large-scale polarization surveys and the determination of Galactic magnetic
structures (Reich et al., this volume).
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Abstract. We report the detection of polarized radio emission from the partial optical shells of the two supernova
remnants G114.3+0.3 and G116.5+1.1. The existence of coinciding optical and polarized emission implies that these
parts of the SNRs are further developed. Highly polarized radio emission is a measure of the homogeneity of the magnetic
field. Therefore, in these regions the magnetic field should be more regular in comparison to the unpolarized parts of
the shell, where turbulent magnetic fields are expected.

1 Introduction

Low surface brightness supernova remnants (SNR) are difficult to detect, especially in polarization.
If a SNR has a low surface brightness then usually little polarization is observed, because the SNR’s
polarization is coupled with the observed total intensity and does not exceed 70% of the total emis-
sion. This constraint, therefore, puts highly polarized SNRs of low surface brightness in a class of
rare objects, since intervening interstellar material easily washes out this already weak emission by
depolarizing it, leaving total emission intact. If, however, there are optically emitting regions in front
of the remnant, and polarized emission can be detected in spite of this, then something is exceptional
with the remnant or with the material in the line of sight: Either there is little or no depolarization or
the remnant has an ordered magnetic field. The situation is even more difficult if the optical emission
is physically associated with the polarized emission.

In this contribution, we present continuum images at 1.4 GHz towards the SNRs G114.3+0.3 and
G116.5+1.1, taken from the Canadian Galactic Plane Survey (CGPS, Taylor et al. 2003), with an
angular resolution of 49′′ × 49′′ cosec(δ). Both of these remnants are of low surface brightness and
partially polarized although there are associated optical filaments with them.

2 Observations

Recently the region towards � = 115◦ has been discussed by Yar-Uyanıker et al. (2004) in the context
of total intensity and H I emission to determine the distances of three SNRs in this area. They have
discovered patches of H I emission surrounding G114.3+0.3 indicating a location in the Local arm at
a distance of about 700 pc and suggest a possible relation between G116.5+1.1 and CTB 1, placing
both remnants at a distance of about 1.6 kpc.

Figure 1 shows the total-intensity image of the area. Although CTB 1 has also associated optical
filaments it is weakly polarized in our data. In the following sections we discuss the polarized and
optical emission from G114.3+0.3 and G116.5+1.1.

2.1 G116.5+1.1

This remnant was discovered by Reich & Braunsfurth (1981) by its radio continuum emission. It is
placed on top of a smooth emission plateau together with CTB 1. Optical filaments are detected
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Fig. 1. Radio continuum image of the region covering the SNRs G114.3+0.3, G116.5+1.1, and G116.9+0.2 (CTB 1)
at 1.4 GHz, observed with the DRAO Synthesis Telescope with large-scale structures added using the Effelsberg Survey

data by Reich et al. (1997) at the same frequency.

towards this SNR by their Hα and S II emission (Fesen et al. 1997). A prominent filament, towards
Galactic north, positionally coincides with the partial shell of high radio intensity. This coincidence
suggests a relationship between radio and optical emission. This suggestion is further supported by
the existence of S II emission, which is sensitive to density and is also considered as a good tracer of
shocks.

We observe high percentage polarization in the western arc (up to 60%) just outside the total
intensity shell (see Fig. 2). Tangential electric field vectors (not shown in the image) regularly follow
the arc. Little depolarization effects favor a close distance (closer than 2 kpc due to the “polarization
horizon” as described by Uyanıker et al. (2003)). A few faint optical filaments situated at the edge
of the radio-bright northwestern limb of the SNR are detected in Hα (∼100 km s−1), S II and N II

emission (Fesen et al. 1997). The most prominent one measures ∼ 30′ in length. The Hα image of
this filament is given in Fig. 3. The Hα/S II ∼ 1 ratio implies an association between the filament and
the SNR. S II emission indicates that the filament is formed due to the shock of the SNR. Optical
measurements reveal an electron density of ne ∼ 30 cm−3 towards the remnant.

2.2 G114.3+0.3

This remnant was also discovered by Reich & Braunsfurth (1981) by its radio emission at 11 cm.
Its angular size is 82′ × 65′. Fürst et al. (1993) and Kulkarni et al. (1993) suggested an association
between the SNR and the pulsar PSR 2334+61. The dispersion measure (DM) of the pulsar, 55±10
pc cm−3, gives a distance of ∼2.4 kpc. However, Mitra et al. (2003) showed that this DM is affected
by foreground H II emission and that the pulsar has an anomalous rotation measure (RM) behavior.

The polarized intensity image of the SNR is given in Fig. 4. The southern limb of the remnant is
polarized with a percentage polarization varying between 10% and 20%. The electric field vectors are
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Fig. 2. Polarized intensity image of G116.5+1.1 as observed with the DRAO telescope. The dashed lines indicate the
position of the total intensity emission.

regular and tangential in the south (not shown in the figure). An H II region (S 165 at 1.6 kpc) is seen
within the SNR shell. S 165 does not cause any depolarization, therefore it should be located behind
the remnant.

An Hα filament was observed towards the south of this SNR by Mavromatakis et al. (2002). The
position of this filament is shown on the polarized intensity map in Fig. 5.

3 Results and discussion

The thin optical filaments coincide with polarized emission and are clearly associated with the SNRs,
but they do not totally depolarize the SNRs. Tangential polarized emission implies regular magnetic
fields and low turbulence in these regions. Optical images show that thermal electron densities towards
these SNRs do not seem to vary much and can be considered as constant. The rotation in the plane
of polarization due to Faraday rotation is

Θ = 0.81 ne B‖ λ2 L (1)

where Θ is the change in the polarization angle, ne is the electron density, B‖ is the parallel component
of the magnetic field, λ is wavelength and L is the linear size of the Faraday active region. If ne is
more or less constant, is it possible to derive constraints on B‖ or L on the basis of a regular magnetic
field and for the case of small depolarization?
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Fig. 3. Hα image of the optical filament towards the north of the SNR G116.5+1.1, observed by Fesen et al. (1997)

Across the prominent optical filament of G116.5+1.1 the electron density appears to be almost
constant, ne ∼ 30 cm−3, and the magnetic field vectors are homogeneous with a maximum scatter of
∆Θ ∼ 30◦. Therefore, the thickness of the filament (L) and the strength of the magnetic field (B‖) are
the only parameters which can change the polarization angle, Θ. If we assume the filament is rope-like,
then its thickness would be ∼0.46 pc. In this case the canonical interstellar magnetic field strength
B‖ ∼ 2 µG would alter the polarization angle by about Θ ∼ 56◦, indicating that the magnetic field
giving the observed polarization appearance is intrinsic to the remnant. Since we do not have any
information at other wavelengths, we assume that the 30◦ variation in the polarization angle is the
upper limit caused by the optical filament. This assumption alone allows us to calculate the strength
of the parallel magnetic field component within the remnant. In order to deviate the polarization angle
by Θ ∼ 30◦ we need B‖ ∼ 1 µG.

For G114.3+0.3 we get a foreground dispersion measure of DMfore = 13 cm−3 pc, using the Taylor
& Cordes (1993) model. But the pulsar has a dispersion measure of about 58 cm−3 pc. On the other
hand, radio emission gives a very high RM of −100 rad m−2, which combined with the pulsar DM leads
to a foreground magnetic field parallel to the line of sight of B‖ = 2.1 µG. This is significantly higher
than the expected value of B‖ = 1 µG (Mitra et al. 2003). The enhanced magnetic field indicates
an additional structure along the line of sight with a strong magnetic field and high electron density
causing the additional dispersion and rotation measure.

We now want to investigate the possibility that the shell of the expanding SNR itself causes
the high RM and DM values. Assuming a foreground dispersion measure of DMfore = 13 cm−3 pc
and a mean foreground magnetic field along the line of sight of B‖ = 1 µG, we get internal values of
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Fig. 4. Polarized intensity image of G114.3+0.3 as observed with the DRAO telescope. The dashed lines indicate the
position of the total intensity emission.

DMint = 45 cm−3 pc, RMint = −89 rad m−2, and Bint
‖ = 2.4 µG. We derive a compression ratio of 2.4.

Assuming the same compression ratio for the interstellar material, swept up by the expanding shock
wave and a radius of 7 pc, we get a width of 1.2 pc for the shell. Using the width and the internal DM,
we found an electron density of 38 cm−3 within the shell. Assuming the swept-up material within the
shell is fully ionized (H/He is 9:1) and again a compression ratio of 2.4, results in an ambient density
of 14 atoms per cm3, which is in accord with the observed H I density.

4 Conclusions

We have presented polarized images of two low surface brightness SNRs and reported on the detection
of polarization towards the optical filaments in both of these SNRs.

For G116.5+1.1 we have calculated the strength of the parallel component of the magnetic field
as B‖ ∼ 1 µG, which is slightly less than the canonical interstellar magnetic field strength.

We also found that the expanding shell of G114.3+0.3 is responsible for the discrepancy in the
observed RM and DM values. For this remnant we have calculated the magnetic field in the shell of
the remnant as 2.4 µG.
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Fig. 5. Polarized intensity image of G114.3+0.3 as observed with the DRAO Synthesis Telescope. The optical filament
towards the south of the SNR, observed by Mavromatakis et al. (2002), is marked in black.
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Abstract. We have studied the radial distribution and luminosity function of normal pulsars in the Galaxy, on the
basis of the ATNF Pulsar Catalogue where the distances are calculated according to the new electron density model
NE2001.
We show that the maximum of galactocentric distribution of pulsars located near 3.5 kpc and the scale-length of this
distribution is ∼ 4 kpc. The surface density of pulsars near the Galactic center (GC) is equal or slightly higher than
that in the solar neighborhood. The local density and birth-rate of pulsars is 1.5 and 4 times higher than previous
estimates, correspondingly before and after beaming corrections. The dependence of these results on the NE2001 model
and recommendations for further improvement of the electron density distribution are discussed.
We derived the luminosity function of pulsars at frequencies near 1400 MHz. In the limited band of luminosities,
the luminosity function has a slope near −1, but a new luminosity function may be better fitted by a Log–Normal
distribution.

1 Introduction

The high-frequency, sensitive Parkes Multibeam Pulsar Survey (PMPS) (Manchester et al. 2001;
Morris et al. 2002; Kramer et al. 2003) revealed many more distant pulsars with high Dispersion
Measures (DM). These data may allow us to investigate in more detail the statistical parameters and
distribution of pulsars, especially in the central regions of the Galaxy, which was almost impossible in
previous low-frequency and less-sensitive surveys. Furthermore, high-frequency searches reveal many
pulsars at the lower as well as at the high luminosity ends of the luminosity function (LF) of pulsars.
From the evolutionary point of view it is of great interest for the influence of such pulsars on the shape
of pulsars’ LF.

Considering the actuality of the problem and with the appearance of publications with completely
wrong interpretation of observational data of pulsars (Guseinov et al. 2002a, 2002b), we decided to
estimate the density of pulsars at the GC and to take a fresh look at the radial distribution and
luminosity function of pulsars using these new PMPS data, with the kind permission of Prof. R.N.
Manchester, from the ATNF Pulsar Catalogue of 1412 pulsars (Manchester et al. 2002). We estimated
the distances to the pulsars by using the NE2001 Galactic electron density model (Cordes & Lazio
2002, CL2002 hereafter).

In the space and luminosity distribution studies, it is very important to make corrections for the
observational selection effects. In this contribution we used an empirical (and simple) method for the
correction of observational selection effects, as in Kodiara (1974), Yusifov (1981), Leahy & Wu (1989),
Wu & Leahy (1989, WL89 hereafter), with some modifications.

2 Available Data and the Selection Effects

At the time of preparing this contribution, the number of existing pulsars was 1412. The ATNF Pulsar
Catalogue contains the data of PMPS, the Swinburne survey (Edwards et al. 2001) and all previous
pulsar survey results, and it supplies a good sample of data for the statistical study of pulsars. Nearly
600 of them were discovered in the Parkes and Swinburne Multibeam Pulsar Surveys (MBPS).

In this study we are interested mainly in statistics of “normal” pulsars. For this reason we excluded
from our sample binary and recycled (Ṗ < 10−17 s/s), globular cluster and extragalactic pulsars. In
our study we mainly used pulsars in the regions of the Galactic latitudes |b| ≤ 15◦ and longitudes
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−100◦ ≤ l ≤ 50◦. In this study, as in the Galactic electron distribution model NE2001, we used the
IAU recommended value R� = 8.5 kpc as the distance Sun–GC.

The apparent distribution of pulsars for the subsequent corrections due to selection effects is derived
in the following manner. We drew equidistant concentric circles around the Sun (ri) and the GC (Rj)
and made up a quasi-regular grid of points at the points of intersection of these circles on the Galactic
plane. Then we drew circles of radius Rci around the grid points (or cells), counted the number of
pulsars within the boundaries of circle Rci, and estimated surface densities of pulsars around grid
points. Rci increasing linearly is chosen from 0.1R� to 1/10 of the largest considered distances from
the Sun (18.7 kpc) and calculated by the relation Rci = 0.85 ∗ (1.2 ∗ (i − 1)/11 + 1), where i varies
from 1 to 12. Similar variation of cell radii naturally reduces the density estimation errors at large
distances due to distance uncertainties of pulsars.

Making corrections for the selection effects, we used these data for the calculation of the radial
distribution of pulsars in the Galaxy. Selection effects we divide into two categories and define them
by the relation:

ρ(r, R, l(r, R)) = K(l)K(r)ρo(r, R, l(r, R)) , (1)

where l is the Galactic longitude; r and R distances from the Sun and the GC; K(l) direction and K(r)
distance-dependent selection factors; ρo(r, R, l(r, R)) is the true and ρ(r, R, l(r, R)) is the observed
distribution of surface densities of pulsars on the Galactic plane.

K(l) is connected with the background radiation which leads to variations of the survey sensi-
tivity with Galactic longitudes. Neglecting latitude dependence as in WL89, the direction-dependent
correcting factor K1(l) is defined by the relation:

K1(l) = 1 +
Tsky 1374(l, b)

TR
, (2)

where Tsky 1374(l, b) is the sky background temperature at 1374 MHz and TR = 21 K is the noise
temperature of the Parkes multibeam receiver (Manchester et al. 2001). The correction factor K1(l)
which was calculated from Eq. (2) is shown in Fig. 1. The observational number (or density) must be
corrected for this selection effect, multiplying by K1(l). It is evident that K(l) in Eq. (1) is equal to
K−1

1 (l). In the anticenter direction and in the cell where the Sun is located, K1(l) is assumed to be 1.
The distance-dependent selection factor K(r) in Eq. (1) is the function of pulse broadening caused

by scattering, scintillation etc. Here we make the simplifying assumption that the combined effect of
these factors may be described by the exponential law as:

K(r) = K1(r)K2(r) · · ·Ki(r) = e−c1re−c2r · · · e−cir = e−cr , (3)

where K1(r), K2(r) etc. are the distance-dependent correction factors relating to the pulse broadening,
scattering and other selection effects. The quantitative estimation of each of these factors indepen-
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Fig. 1. Dependence of the correcting factor K1(l) as a
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dently is difficult. But the combined effect of these factors leading to reduced detection of pulsars
away from the Sun may be estimated empirically as described below.

Assuming that the surface density of pulsars is symmetric around the GC, and considering a
galactocentric circle with the radius R�, from Eq. (1) we obtain:

ρ(r, R�) = K(l)K(r)ρo(r, R�) . (4)

where ρ(r, R�) is the observable density; K(l) is known and ρo(r, R�) is constant.
In order to derive K(r) from Eq. (4), in Fig. 2, we have plotted ρ(r, R�)/K(l) against the helio-

centric distance by circles.
Fitting the data in Fig. 2 by the least mean-squares (LMS) method for the distance-dependent

correction factor we obtain:

K(r) = exp (−cr) , (5)

where c = 0.362± 0.017 and lnρo = 3.73 ± 0.16.

3 Radial Distribution and the Luminosity Function of Pulsars

The true densities of pulsars were found from the apparent densities, after correcting them by the
relation (1). K(l) and K(r) are calculated from Eqs. (2) and (5) respectively. The radial distributions
of densities from the GC may be found by averaging the densities ρ(r, R) at various distances (Rj)
from the GC.

The results of obtained radial distribution of surface densities of pulsars (squares) with correspond-
ing error bars, together with the distribution of other Population I objects, are plotted in Fig. 3. In
evaluating errors, we assumed that the number of pulsars in cells, in a rough approximation, follows
the Poisson statistics. The errors for various data points are not equal, so we calculated the weighted
average of surface densities and corresponding errors. In order to simplify the comparison with other
results, the densities in Fig. 3 are normalized to the surface densities at the solar circle.

Within the galactocentric radius 0.5 kpc pulsars are absent; and from the available data and
precision of distance estimates, it is difficult to estimate the density of pulsars there. But within the
range 0.5 kpc < R < 1 kpc there are 4 pulsars. Applying the correction factors K(l) and K(r) to the
apparent density, we obtain 50 pulsars kpc−2. In fitting the radial distributions of pulsars, just this
value will be used.

The radial distribution of pulsar surface densities in Fig. 3 has been fitted by the relation:

ρ(R) = A

(
R

R�

)a

exp
[
−b

(
R − R�

R�

)]
, (6)

where R� = 8.5 kpc is the Sun−GC distance. The best results of the fits are: A = 37.8±2.1 kpc−2, a =
1.12 ± 0.10 and b = 3.20 ± 0.24.

Revising Fig. 3, it is seen that high frequency, high sensitive PMPS searches revealed many pulsars
around the GC, and within error limits the derived density (50±16 pulsars kpc−2) is not less than
that in the circumsolar region. Applying the Tauris & Manchester (1998, TM98 hereafter) beaming
model, for this value we obtain (500±150) pulsars kpc−2.

In Fig. 3 we compare radial distributions of pulsars and SNR with the radial distributions of their
progenitors. It is seen that, although the maxima of Population I objects coincide, the maximum of
pulsar distribution is shifted to the GC by nearly 1.5 kpc. The maxima of pulsar and SNR distributions
nearly coincide. But the radial scale length (RSL) of pulsar distributions (∼ 4 kpc) is nearly two times
less than the SNR distributions.

In Fig. 3 we also plotted by dots the radial distribution of the birth location of NS which was derived
by Paczynski (1990). Although the maximum of this distribution coincides with the maximum of the
SNR distribution, its shape considerably deviates from the distribution of Population I objects. If the
progenitors of NS are OB-type Population I stars, then from qualitative considerations of Fig. 3, it
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Fig. 3. Radial distributions of pulsars (squares) and other types of Population I objects: SNR distributions are from
Case & Bhattacharya (1998); H2 column densities from Bronfman et al. (1988) and Wouterloot et al. (1990); H II regions
are from Paladini et al. (2004) (it must be noted that H II regions represent the number of sources in the 0.5 kpc wide
Galactocentric rings, but not surface densities); OB star-formation regions data from Bronfman et al. (2000); marked
by P are the radial distributions of birth location of NS (from Paczynski 1990); the expected radial distributions of

birth location of NS (Eq. (7)) are marked by crosses.

seems that the radial distribution of the birth location of NS must be located near the line shown by
crosses in Fig. 3 and may be described by the relation:

ρ(R) = A

(
R

R�

)a

exp
[
−b

(
R

R�

)]
, (7)

where a = 4, b = 6.8 and R� = 8.5 kpc is the Sun–GC distance. The constant A must be chosen from
the calibration constraints (particularly, in the current case A = 1050).

In order to construct LF, we selected the sample of pulsars within a cylinder of radius 2 kpc from
the Sun. For faint pulsars we applied standard volume correcting methods, and LF is calculated as

Φ(L) = ΦO(L)
Vmax

V [< d(L)]
, (8)

where Φ(L) is the true LF, ΦO(L) is the apparent LF, V [< d(L)] is the volume of sphere with radius
d(L) from the Sun in which pulsars with luminosities L are still observable, Vmax = 2πd2(L)zmax is the
volume of cylinder of radius d(L) around the Sun and zmax is the approximate value of the maximum
height of pulsars from the Galactic plane. We accept that zmax = 2 kpc, and pulsars outside these
altitudes are not more than 2–5% of observable pulsars.

The LF calculated on the basis of these data is presented in Fig. 4. The total number of observable
pulsars in every luminosity bin is estimated on the basis of all available pulsars, but taking into account
that high sensitive MBPS are carried out only in the region of |b| ≤ 15◦ and −100◦ ≤ l ≤ 50◦.

For the low-luminosity pulsars the LF is estimated from relation (8), where zmax is assumed to
be 2 kpc. There are only two pulsars with luminosities > 100 mJy kpc2 in the considered region of d
< 2 kpc around the Sun. Φ(L) values for them are calculated on the basis of large-distance pulsars
revealed in the MBPS, assuming that they are observable almost everywhere in the Galaxy.
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the corresponding bin. The observed distribution is given by the dotted line. A solid line shows the volume-corrected
distribution of observable pulsars. The errors here represent the statistical uncertainty (30%) in distance estimates. A
dashed line shows the distribution of active pulsars, after applying beaming correction. Lines marked by circles and
crosses correspond to the Log–Normal fitting of observed and corrected data by the relation (9). A dash-dotted line

corresponds to the fitting of the data above ∼1 mJy kpc2 assuming a slope of −1.

In this study we applied the TM98 beaming model for the correction of LF. We estimated approx-
imate values of the beaming fraction (BF) corresponding to each luminosity bin and show them at the
top of Fig. 4 in percent. LF, corrected according to these BFs, is shown by the dashed line in Fig. 4.

The MBPS nearly doubled the number of pulsars around 0.1 mJy kpc2, but it is not enough to
describe the LF by one straight line. As is seen in Fig. 4, only the LF in limited regions of luminosities
may be fitted by a straight line. A flattening of LF at low luminosities was already noted in previous
studies and explained as a result of the deficit of low-luminosity stars (see Lyne et al. 1985; Guseinov
& Yusifov 1986; Cordes & Chernoff 1997; Lyne et al. 1998, and references therein). We fitted the
data in Fig. 4 by the Log–Normal distribution before and after beaming corrections by one analytical
relation:

Φ(L) =
AL

σL

√
2π

exp
[
−1

2

(
logL − logLO

σL

)2]
pulsars kpc−2 . (9)

For the constants of distributions AL, σL and logLO before and after beaming corrections, we ob-
tained values 67±15; 1.21±0.07; −1.64±0.33 and 2600±600; 1.24±0.10; −2.60±0.57 correspondingly.

4 Results and Discussion

We have studied the population of normal pulsars in the Galaxy, using the ATNF Pulsar Catalogue
where the distances are calculated according to the new electron densities model NE2001.

We have derived the radial distribution of surface density of normal pulsars by using the new
distances. The maximum of radial distribution is located at ∼3.5 kpc and ∼1.5 kpc nearer to the
GC relative to the maximum of distributions of Population I objects. Although the maximum of
the distribution nearly coincides with the maximum of distributions of their progenitors (SNRs), the
RSL of pulsars is ∼4 kpc, i.e. nearly two times less than the SNR distribution. Integrating the radial
distribution for the total number of normal pulsars with luminosities L1400 ≥ 0.1 mJy kpc2 in the
Galaxy, we obtained (24±3)×103 and (240±30)×103 before and after applying beaming corrections.
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The surface density of pulsars around the GC region is (50±16) pulsars kpc−2 and (500±150)
pulsars kpc−2 before and after applying beaming corrections.

For the luminosities at 1400 MHz, the LF of pulsars is constructed on the basis of pulsars within
2 kpc from the Sun. In estimating beaming corrections we applied pulsar beaming models of TM98.
The low luminosity end flattening of LF became increasingly more evident. The LF of pulsars may be
better described by the Log–Normal distribution (Eq. 9). Above a luminosity value of 0.1 mJy kpc2

for the local surface density of normal pulsars we obtained (41 ± 5) pulsars kpc−2 and (520 ± 150)
pulsars kpc−2 before and after beaming corrections. Assuming τ = 107yr as the mean life time of
active pulsars, for the corresponding birth-rate of pulsars in the solar neighborhood we obtain 4 and
52 pulsars kpc−2 Myr−1 respectively before and after beaming corrections.

We recommend a new relation (Eq. (7)) for the expected radial distribution of birth location of
NSs, which is more closely related to the radial distribution of Population I objects.

The total number and frequency of generation normal pulsars obtained from these data are nearly
1.5 and 4 times higher than previous estimates, correspondingly before and after beaming corrections.
One of the reasons for the higher values is possibly connected with the overestimated electron densities
of the ISM. This leads to the necessity of further improvement of the Galactic electron density model,
which requires H I measurements for distant pulsars.

One of the recent, but unsuccessful, attempts on pulsar distances and LF estimations are the
publications of Guseinov et al. (2002a, 2002b). However, due to the fallacy of their method and
approaches to the problem and other numerous errors, their results are not discussed here.

A more complete report on this work will be given elsewhere (Yusifov and Küçük, in preparation).
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Abstract. This paper studies the asymmetries of pulsar distributions relative to the Galactic plane in various Galactic
longitudes. It is shown that the observed asymmetric distribution may be explained by the warped and flaring (i.e.
increase of scale-height at the peripheries of the Galaxy) structure of the Galaxy. At the peripheries of the Galaxy, the
amplitude of the warp, derived from these data, may be as high as ∼1 kpc. The scale-height of the pulsar distribution
increases exponentially from ∼0.5 kpc to ∼1 kpc while increasing the galactocentric distance from 5 kpc to 15 kpc.
The warp and flare parameters derived from the pulsar data are compared with the stellar and gaseous warp and flare
parameters of the Galaxy.

1 Introduction

The existence of a Galactic warp has been known since the first radio surveys of the Galaxy (Burton
1988). Furthermore, it was shown that the distribution of various Galactic components at the periph-
eries of the Galaxy also shows a flaring structure; i.e., growth of scale-height with increasing Galactic
radius. Subsequently, the warped and flaring structure of the Galaxy was studied for young OB stars
and old stellar components of the Galaxy, as well as for the Galactic dust emission at 240 µm (e.g.
Alard 2000; Drimmel et al. 1999; Drimmel & Sperge 2001; López-Corredoira et al. 2002a).

The stability and the precise shape and nature of the Galactic warp, however, still remain unclear.
The Large Magellanic Cloud, the Sagittarius dwarf galaxy and intergalactic accretion are considered
as possible sources of generating Galactic warps (see for example Garćıa-Ruiz et al. 2002; Tsuchiya
2002; López-Corredoira et al. 2002b; and Bailin 2003).

It is generally accepted that the progenitors of pulsars are young OB stars, and if their Galactic
distributions show warped structure (Drimmel et al. 1999), then the distribution of pulsars also must
reveal a similar structure. As objects observable from large distances, pulsars may be more appropriate
to study the warped and flaring structure of the Galaxy.

The recent high-frequency, sensitive Parkes Multibeam Pulsar Surveys (PMPS) (Manchester et
al. 2001; Morris et al. 2002; and Kramer et al. 2003) revealed many more distant pulsars with high
Dispersion Measures (DM). These and all other available observational data of pulsars are collected
in new ATNF Pulsar Catalogue (Manchester et al. 2002). The warp and flare of the Galaxy may be
estimated analyzing the longitude and latitude distribution of pulsars from this catalogue.

However, warp and flare are more pronounced at distances larger than 10 kpc from the Galactic
center and from the Sun. Unfortunately, at present, the number of observable pulsars at these distances
is rather small. Probably, more precise estimates of the warp and flare parameters may be possible when
a greater number of pulsars will be detected at the peripheries of the Galaxy. However, preliminary
studies of warp and flare may be done with the data already available, which is presented in this
contribution. Furthermore, warped and flaring structures of the Galactic plane may be used in future
to attain a more detailed modeling of the Galactic electron distribution and more precise estimates of
distances for some distant pulsars.

2 Observed Data and Warped Disc Model of the Galaxy

Yusifov & Küçük (this volume, YK2003 hereafter) have studied the Galactic distribution and the
luminosity function of pulsars on the basis of new ATNF catalogue of 1412 pulsars (Manchester et
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Fig. 1. Ratio of positive counts of pulsars to negative ones with corresponding errors. Horizontal bars correspond to
the width of the considered longitude intervals. Dashed and solid lines correspond to the best-fitting models with and

without taking into account data points at longitude l = 90◦.

al. 2002). We have used here the results of this study to derive the warp and flare parameters of the
Galaxy.

The estimates of the parameters of the warp and flare were made by the method described in
López-Corredoira et al. (2002a), with some modifications. For this study we select “normal” pulsars
at Galactic latitudes |l| ≤ 5◦, excluding binary and recycled (Ṗ < 10−17 s/s), globular cluster and
extragalactic pulsars. We found the ratio of the cumulative number of pulsars above and below the
Galactic plane at various Galactic longitudes centered at b = ±3◦; the results with the correspond-
ing error bars are plotted in Fig. 1. The errors in Fig. 1 are estimated assuming that the observed
cumulative numbers follow the Poisson distribution. In order to see the warping effect clearly, pulsars
located within r ≤ 1 kpc from the Sun were excluded from consideration.

The number of pulsars at various longitudes varies dramatically, and in order to gather a sta-
tistically significant number of pulsars, as is seen from Fig. 1, the longitude width of the interval
was chosen to be variable. The latitude width of the intervals, which is centered on b = ±3◦, was
Deltab = 4◦.

In spite of the existence of large error bars, the plot clearly shows a sinusoidal behavior. If the
warped structure were absent, the ratio of counts should be nearly the same for all Galactic longitudes.
A similar behavior may be easily explained by the warp of the Galactic plane.

The parameters of the warp will be found from Fig. 1, fitting the observed ratios with the modeled
ones. The stellar statistic equation has the form:

A(m) =
∫ ∞

0

r2D(r)φ(M)dr , (1)

where A(m) is the number of stars per unit area of solid angle ω at m in interval dm, φ(M) is the
luminosity function and D(r) is the stellar density. Converting this relation to the pulsar data for our
purpose, we obtain:

N(l, b) = ω

∫ r1

r2

N0(l, b, r)ρ[R(l, b, r), z(l, b, r)]r2dr , (2)

where r and R are the distances from the Sun and the Galactic center, ρ is the space density and

N0(l, b, r) =
∫ Lmax

S0r2
Φ(L)

dL

L
(3)

is the local surface density of pulsars at distance r from the Sun. S0 is the minimum detectable flux
density, and Lmax = 104 mJy kpc2 is the maximum luminosity of pulsars at 1400 MHz. For the
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minimum detectable flux density we assume a derived value of S0 = 0.07 mJy from YK2003. The
Galactic distribution and luminosity function of pulsars accepted from YK2003 have the form:

σ(R) = C

(
R

R�

)a

exp
(
−b

R − R�
R�

)
, (4)

where σ(R) is the surface density of pulsars with parameters C = 40 kpc−2, a = 1.12, b = 3.2, and
R� = 8.5 kpc is Sun–Galactic center distance and

Φ(L) =
AL

σL

√
2π

exp
[
−1

2

(
logL − logLO

σL

)2]
, (5)

where AL = 67, σL = 1.21 and log LO = −1.64. The space distribution then has the form:

ρ(l, b, r) = N0(l, b, r)
(

R

R�

)a

exp
(
−b

R − R�
R�

)
exp

(
− |z|

hz(R)

)
hz(R)
hz(R�)

, (6)

where hz(R) is the scale-height of pulsar distributions. In order to study flaring of pulsar distributions
in the model is included exponentially increasing scale-height by the relation:

hz(R) = hz(R�) exp
(

R − R�
hR,flare

)
, (7)

where hz(R�) and hR,flare are free parameters. The factor hz(R)
hz(R�) in Eq. (6) is normalized due to the

variable scale-height of hz(R).
In order to take the warping structure into account in relation (6), |z| must be replaced by |z−Zw|,

where the function Zw(R, φ) describes the vertical displacement of the warp. From the early studies of
H I it is known that the warping structure of the galaxy is asymmetric (see for example Burton (1988)),
and at the galactocentric distances R > 14 kpc the southern warp becomes constant with height (see
Fig. 2). For this reason, for the warped model of the Galactic plane, we include an additional free
parameter, as the galactocentric radius RWS , from which the southern warp becomes constant, and
correspondingly Zw(R, φ) is calculated by the relation:

Zw(R, φ) =




CW (R − RW )bw sin(φ − φW ) + 15, for R ≤ RWS ,

CW (RWS − RW )bw sin(φ − φW ) + 15, for R > RWS .
(8)

Here, RW is the galactocentric radius, from which the warp starts (for R < RW , Zw(R, φ) = 0), φ is
the galactocentric angle taken in the direction of Galactic rotation with the Sun lying along φ = 0◦.

20 15 10 5 0  5  10 15 20 
−1.5

−1

−0.5

0

0.5

1

1.5

2
Dust & Stars, Drimmel & Spergel (2001)
HI data, Burton (1988)
Red Gaints, Lopez Corredoira (2002)
Gas disk, Binney & Merrifield (1998)
Pulsars, Present work

R(kpc)

z(
kp

c) Northern
   warp 

Southern
    warp 

Fig. 2. Comparison of the maximum of amplitudes of the various Galactic warps models, plotted as a function of
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3 Results and Discussion

Using relations (2)–(8) we have fitted the observational data in Fig. 1 by the least mean square method
and estimated the warp and flare parameters in Eqs. (7) and (8). For the best-fitting parameters we
obtain:

hz(R�)=580 pc, hR,flare=14 kpc; (9)
and

CW =37, RW =6.5 kpc, bw=1.4, φw=14.5◦ and RWS=15.2 kpc (10)

The results of fitting by these parameters are shown by the solid lines in Figs. 1–3. In Figs. 2
and 3 we compared the warp and flare results of our study with similar results of other studies. It is
interesting to note that the warp of the galactic disc derived from pulsar data is more closely related
to the gas disc warp (Binney & Merrifield 1998; Bailin 2003) than the stellar and dust warps, which
are described in López-Corredoira (2002a) and Drimmel & Spergel (2001).

In fitting the observational data in Fig. 1, we used both a symmetric and asymmetric warp.
Calculations show that the asymmetric warp better fits the observational data, and the obtained
southern asymmetry is very closely related to H I data (see Fig. 2).

We estimated the scale-height of the pulsar distribution (hz(R�) = 580pc) here by quite a different
method than that used (e.g. Lyne et al. (1985) and references therein) and it occurred nearly 30%
greater than that of earlier estimates (450 pc). The large scale-height of pulsars may be caused by the
additional fact of the high-velocity origin of pulsars.

From Fig. 3 it is seen that, as for other components of the Galaxy, the scale-height of the pulsar
distribution also increased with increasing galactocentric radius. This increase strongly deviates from
the red giant flaring and is nearly parallel to the H I and dust flaring.

From previous studies it was known that the line of nodes or phase angle of the warp (φw) is
≈ 0◦ (see for example Drimmel & Spergel 2001) or even has a negative value ≈ −5◦ (see for example
López-Corredoira et al. 2002). But from fitting pulsar data in Fig. 1 we obtain φw ≈ 15◦ for the phase
angle of the warp.

Figure 4 shows the general view of the Galactic plane obtained in this study. There are very few
pulsars at distances R > 15 kpc, and for this reason the precise values of warping and flaring at these
distances are still waiting to be elucidated. Nevertheless, this warping structure of the Galactic plane
may be very helpful in distance estimates of some high-DM pulsars. The inclusion of the warping and
flaring structure of the Galaxy to the large-scale modeling of the ISM electron distribution may serve
as the next step to improve the model.
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order to present a better appearance of the warping structure, the scale in the z direction is considerably increased.
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